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Star clusters Properties 
Star clusters in galaxies

Property Open Clusters Globular Clusters

Mass (M⊙) up to ~ 103 typical ~ 105

ρc (M⊙pc-3) up to ~ 102 typical ~ 104

Typical age up to ~ 7 Gyr 9 - 12 Gyr

Binary fraction (fb) ~ 50% few - 20%

Metallicity higher low
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Why study dense star clusters?

Clusters are dense stellar environments

Higher formation rates of exotic stars in GCs compared to elsewhere in 

the galaxy, e.g., blue stragglers, X-ray binaries, cataclysmic variables, & BH 

binaries (e.g., Clark 1975, Pooley & Hut 2006; Rodriguez et al. 2015)

Massive GCs are important targets in distant galaxies

The dynamical history of clusters provides important clues to the 

hierarchical formation of the Galaxy (e.g., Brodie &  Strader 2006 for a review)

Spatial distribution can constrain the dark matter halo radius

Typical old ages provide a direct window to early major star formation 

episodes in the local universe (e.g., Brodie &  Strader 2006)

All stars are born in clusters of some size

All clusters lose stars from galactic tides

Low mass clusters dissolve completely within Hubble time (e.g., Giersz & Heggie 

1997; Odenkirchen et al. 2003; Gieles et al. 2005; Lamers et al. 2005)



Physical Processes
Two-body relaxation

Cumulative effect of a sequence of weak pair-wise gravitational

interactions is a slow outward diffusion of energy

Mass segregation is a natural consequence as the system evolves towards

equipartition of energy

Typical timescale for Galactic GCs ~ 109 yr

Binary-burning
Energy production from strong super-elastic scattering involving hard

binaries

Interactions happen on a dynamical timescale

Stellar evolution
Massive stars evolve on much shorter timescales compared to GC ages

Wind mass loss, mass loss from compact object formation

Galactic tidal stripping
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Numerical modeling of dense star clusters 
Methods

Method Advantage Disadvantage

Fokker-Planck Fastest among the 
three

Hard to 
implement 

additional physics

Hénon-type 
Monte Carlo

Fast, easy to 
implement 

additional physics, 
as accurate as 

direct N-body for 
N ≳ 104

Assumptions may 
not be valid for 

low N ~ 102

Direct N-body Exact gravitational 
forces

Computationally 
expensive, ~ N3



Monte Carlo Code CMC 
Physical Processes & Parallelization

Two-body relaxation (Joshi et al. 2000)  

Strong interactions: physical collisions, binary-mediated 

interactions (Fregeau & Rasio 2007)

Galactic tidal stripping (Joshi et al. 2001; Chatterjee et al. 2010)

Stellar evolution using BSE (Hurley et al. 2000, 2002; Chatterjee et al. 2008, 2010)

Central IMBH with loss-cone physics (Umbreit et al. 2012)

Rate-based 3-Body binary formation (Morscher et al. 2015)

Parallelized using MPI & CUDA (Pattabiraman et al. 2012)



Million-body Simulation
CMC & NBODY6++GPU

RMWCRS16



Million-body Simulation
Comparison Between CMC & NBODY6++GPU

RMWCRS16



Million-body Simulation
Comparison Between CMC & NBODY6++GPU
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The Evolving Story of Stellar-
Mass BHs in Old Star Clusters



Massive GC-like clusters are born with N~105 — 106 stars, leading to hundreds 
to thousands of BH progenitors. 

What happens to these BHs is still an evolving story. 

• Past understanding: Mass segregation followed by rapid dynamical ejections 
deplete GCs of BHs on ~ Gyr timescales (e.g., Spitzer 1969; Kulkarni et al. 1993; 
Sigurdsson & Hernquist 1993; Portegies Zwart & McMillan 2000; Kalogera et al. 2004)
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A black hole in a globular cluster
Thomas J. Maccarone1, Arunav Kundu2, Stephen E. Zepf2 & Katherine L. Rhode3,4

Globular star clusters contain thousands to millions of old stars
packed within a region only tens of light years across. Their high
stellar densities make it very probable that their member stars will
interact or collide. There has accordingly been considerable debate
about whether black holes should exist in these star clusters1–3.
Some theoretical work suggests that dynamical processes in the
densest inner regions of globular clusters may lead to the forma-
tion of black holes of 1,000 solar masses3. Other numerical simu-
lations instead predict that stellar interactions will eject most or all
of the black holes that form in globular clusters1,2. Here we report
the X-ray signature of an accreting black hole in a globular clus-
ter associated with the giant elliptical galaxy NGC 4472 (in the
Virgo cluster). This object has an X-ray luminosity of about
4 3 1039 erg s21, which rules out any object other than a black hole
in such an old stellar population. The X-ray luminosity varies by a
factor of seven in a few hours, which excludes the possibility that
the object is several neutron stars superposed.

We have compared the locations of point sources found by the
X-ray Multiple Mirror-Newton (XMM-Newton) satellite with the
positions of globular clusters that have been identified in optical
imaging data4 and confirmed with optical spectroscopy (S.E.Z. et
al., manuscript in preparation). We have found a source at right
ascension 12 h 29 min 39.7 s, declination 176 539 33.40 (J2000),
which has an average X-ray luminosity of 2 3 1039 erg s21 if one
corrects only for foreground absorption, and 4 3 1039 erg s21 if one
corrects also for the intrinsic absorption discussed below. Its optical
counterpart (with a positional offset of about 0.40, determined by
using the more accurate Chandra astrometry from ACIS-S observa-
tions on 12 June 2000) is a bright blue globular cluster, with V-band
magnitude V 5 20.99, and colours B 2 V 5 0.68 and V 2 R 5 0.38
(indicating a metallicity of 1/50 solar, using a colour–metallicity
relation5), and has a spectroscopically determined radial velocity of
1,477 6 7 km s21, clearly identifying it with NGC 4472. Its optical
luminosity is about 7.5 3 105 times that of the Sun, making it one of
the most luminous globular clusters in NGC 4472. This X-ray source
was also detected previously by ROSAT6, but as the source lies 6.69
(about 30 kpc) from the centre of NGC 4472, there have been no
previous reports of searches for optical counterparts.

The globular cluster is a secure optical counterpart for the X-ray
source, with a very low probability of being a chance superposition of
a background active galactic nucleus (AGN) on a globular cluster.
Our spectroscopically confirmed globular cluster sample includes 53
clusters in an annulus between 69 and 89 around the centre of NGC
4472, yielding a density of 1.6 3 1024 globular clusters per square
arcsecond at this distance from the centre of NGC 4472, yielding a
low probability (0.005) of having a globular cluster within 10 of one of
the 30 brightest X-ray sources in this galaxy. In fact, only one of the 30
brightest X-ray sources is in this annulus. The space density of AGN
at least as bright as the source (with an absorbed 0.5–2.0 keV flux of

5.6 3 10214 erg s21 cm22) is about 5 3 1027 per square arcsecond
(ref. 7), yielding a probability of only 6 3 1024 of having such a bright
AGN within 10 of any of the spectroscopic globular clusters.

Furthermore, this object has a soft spectrum, and varies much
more strongly at soft X-ray than at hard X-ray wavelengths. Thus,
if it were a background AGN, it would have to be a narrow line Seyfert
1 galaxy, and these objects comprise only about 15% of AGN8.
Finally, the AGN would have to be faint enough optically that it
would neither affect the globular cluster’s colours nor introduce red-
shifted emission lines into its spectrum. This constraint is not easily
quantifiable; however, the fact that the typical broadband optical to
X-ray flux ratio for AGN is larger than the ratio of fluxes for the
globular cluster and the X-ray source9 makes it even less likely that
the X-ray source is a background AGN.

The location in a globular cluster of a given X-ray source is not
surprising—about half of all X-ray sources in elliptical galaxies are in
globular clusters10–12. There are, however, two remarkable features to
this object—its X-ray light curve shows very high amplitude variabil-
ity, and its X-ray spectrum peaks at lower energy X-rays than the
spectra of typical X-ray sources in galaxies. During the first 10,000 s of
the observation by the XMM-Newton satellite, the European Photon
Imaging Camera (EPIC)-PN light curve shows a count rate of about
0.04 counts s21 from 0.2 to 12 keV. Over the next ,10,000 s, the
count rate drops by a factor of about 7 to about 0.006 counts s21,
where it remains for the next 60,000 s, when the observation ended
(see Fig. 1). The same results are seen in the Metal Oxide Semi-
conductor cameras, but with lower count rates due to the detectors’
lower effective areas. Because of this high amplitude variability, we
have extracted the spectrum in two intervals, one corresponding to
count rates above 0.04 counts s21, and the other to count rates below
0.03 counts s21.

In the high count rate interval, the spectrum is well fitted by a disk
blackbody model, with an inner disk temperature of 0.22 keV, an
inferred inner disk radius of about 4,400 km, and Galactic absorption
of 1.67 3 1020 H atoms cm22. The spectrum of the low count rate
interval is consistent with having the same underlying continuum
model, but with an increased neutral hydrogen absorbing column
density (NH) of about 3 3 1021 H atoms cm22; the source varies by a
factor of about 10 below 0.7 keV and is consistent with being constant
above 0.7 keV. In each case, the underlying, unabsorbed luminosity is
about 4.5 3 1039 erg s21—the Eddington limit for accretion of
hydrogen onto a 35 solar mass object, or heavier elements onto a
15 solar mass object. Similar spectral variability (that is, variations
consistent with changing absorbing column density) has been
reported in the past in the stellar mass black hole candidate V404
Cyg (ref. 13), although the changes in the absorption needed there
were a few times larger than those reported here. The only other
Galactic black hole X-ray binary that has spent a substantial amount
of time above 1039 erg s21 is GRS 19151105, which has a foreground
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ABSTRACT

The M31 X-ray source RX J0042.3+4115 was originally identified as a black hole (BH) binary because it displayed
characteristic low-state variability at conspicuously high luminosities; unfortunately, this variability was later found
to be artificial. However, analysis of 84 Chandra ACIS observations, a Hubble Space Telescope Advanced Camera
for Surveys (ACS)/WFC observation, and a 60 ks XMM-Newton observation has supplied new evidence that
RX J0042.3+4115 is indeed a BH binary. The brightest optical star within 3σ of the position of RXJ0042.3+4115
had a F435W (∼B) magnitude of 25.4 ± 0.2; MB > −0.4, hence we find a low-mass donor likely. RX J0042.3+4115
was persistently bright over ∼12 years. Spectral fits revealed characteristic BH binary states: a low/hard state at
2.08 ± 0.08 × 1038 erg s−1 and a steep power-law state at 2.41 ± 0.05 × 1038 erg s−1 (0.3–10 keV). The high-
luminosity low state suggests a ∼20 M⊙ primary; this is high, but within the range of known stellar BH masses.
The inner disk temperature during the steep power-law state is 2.24 ± 0.15 keV, high but strikingly similar to that
of GRS 1915+105, the only known Galactic BH binary with a low-mass donor to be persistently bright. Therefore,
RX J0042.3+4115 may be an analog for GRS 1915+105; however, other mechanisms may account for its behavior.
We find compelling evidence for an extended corona during the steep power-law state, because compact corona
models where the seed photons for Comptonization are tied to the inner disk temperature are rejected.

Key words: black hole physics – X-rays: binaries – X-rays: general
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1. INTRODUCTION

The M31 X-ray source RX J0042.3+4115, named following
Supper et al. (1997), was originally identified as a black hole
(BH) X-ray binary by Barnard et al. (2003), after analyzing four
XMM-Newton observations from 2000 to 2002. It apparently
exhibited power density spectra (PDS) that were well described
by a broken power law, with spectral index α changing from
∼0 to ∼1 at some break frequency; such a PDS is consistent
with the low/hard states observed in all X-ray binaries, whether
the accretor is a neutron star or a BH (see, e.g., van der Klis
1994; Wijnands & van der Klis 1999). Neutron star X-ray
binaries tend to exhibit such behavior at luminosities around
1036–1037 erg s−1, yet RX J0042.3+4115 exhibited this variabil-
ity at 0.3–10 keV luminosities of ∼1–3 × 1038 erg s−1. Barnard
et al. (2003) concluded that RX J0042.3+4115 contained a BH.

However, it was later discovered that these PDS and those re-
ported by other groups were contaminated by artifacts caused by
the XMM-Newton data reduction software (Barnard et al. 2007).
The problem arose because all XMM-Newton light curves start
at the arrival time of the first photon by default; hence, source
and background light curves, and light curves from the three
EPIC detectors—MOS1, MOS2, and pn—are asynchronous by
default. Combining these light curves (e.g., combining instru-
ments or background subtraction) often resulted in PDS with
artificial broken power-law shapes.

Therefore, we make no use of the PDS and instead rely
on our well-established method of using low-state emission
spectra (power-law emission with photon index 1.4–1.7 and
little to no thermal emission, McClintock & Remillard 2006)
at conspicuously high luminosities to identify BH candidates
(Barnard et al. 2008, 2011; Barnard & Kolb 2009). We present
the most detailed justification of our selection criteria in Barnard
et al. (2011).

In this paper, we present our analysis of 84 Chandra ACIS
observations of RX J0042.3+4115 over ∼12 years, and our
serendipitous Hubble Space Telescope (HST) observation, along
with our re-analysis of the 60 ks 2002 XMM-Newton obser-
vation. We use the HST data to place RX J0042.3+4115 in
M31 and argue for a low-mass donor. We use long-term and
short-term variability, and also emission spectra, to reinstate
RX J0042.3+4115 as a BH candidate. We discuss the obser-
vations and data analysis in the next section, followed by our
results in Section 3, and a discussion in Section 4.

2. OBSERVATIONS AND ANALYSIS

We analyzed 84 Chandra ACIS observations of the central
region of M31, spaced over ∼12 years, using CIAO version
4.3. For each observation, we extracted 0.3–7.0 keV source and
background spectra from circular regions with 10′′ radius; the
background region was close to the source region and source
free. Corresponding response matrices and ancillary response
files were also made. We obtained 0.3–10 keV luminosities
from each observation using XSPEC version 12.6.0.

Observations with >200 net source counts were freely fitted
with absorbed power-law models; spectra were grouped to
give at least 20 counts bin−1. For observations with <200 net
source counts we assumed an absorbed power-law model with
NH = 1.0 × 1021 atom cm−2 and Γ = 1.5, and found the
0.3–10 keV luminosity equivalent to 1 count s−1, then multiplied
this conversion factor by the intensity; we chose this model
because it approximates the best fit to our deepest Chandra
observation of RX J0042.3+4115 in its low state. Luminosity
uncertainties for freely fitted spectra are estimated by XSPEC by
calculating a range of fluxes obtained by varying the emission
parameters; the uncertainties for the faint spectra are derived
directly from intensity uncertainties.
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ABSTRACT
We discuss CXOU 1229410+075744, a new black hole candidate in a globular cluster in the
elliptical galaxy NGC 4472. By comparing two Chandra observations of the galaxy, we find a
source that varies by at least a factor of 4, and has a peak luminosity of at least 2×1039 erg s−1.
As such, the source varies by significantly more than the Eddington luminosity for a single
neutron star, and is a strong candidate for being a globular cluster black hole. The source’s
X-ray spectrum also evolves in a manner consistent with what would be expected from a single
accreting stellar mass black hole. We consider the properties of the host cluster of this source
and the six other strong black hole X-ray binary candidates, and find that there is suggestive
evidence that black hole X-ray binary formation is favoured in bright and metal-rich clusters,
just as is the case for bright X-ray sources in general.

Key words: binaries: general – stars: kinematics and dynamics – globular clusters: general.

1 IN T RO D U C T I O N

In recent years, there has been a revolution in our understanding of
black holes in globular clusters. Until the launches of Chandra and
XMM–Newton, it had become widely, if not universally, accepted
lore that stellar mass black holes could not exist in significant num-
bers in globular clusters. Spitzer (1969) considered a hypothetical
star cluster whose stars had only two possible masses. He found
that given a large mass ratio between the two components and a
significant fraction of the stars in the more massive component,
an instability would lead to severe mass segregation, such that the
heavier stars would form a subcluster which would not be affected
by the outer main cluster. This subcluster can then evaporate it-
self dynamically on a time-scale much less than the Hubble time.
The combination of theoretical work, plus the lack of observational
evidence for stellar mass black holes in Milky Way globular clus-
ters led to the suggestion that globular clusters should not, and did
not, contain substantial populations of black holes. More recent
theoretical work, however, has shown that substantial fractions of
black holes can be retained in globular clusters (Mackey et al. 2007;
Moody & Sigurdsson 2009). The finding that some black holes are
retained should not be surprising given that the Spitzer instability
requires that the ratio of the total mass in the heavy component to
the total mass in the light component exceeds a critical value that is
a function of the ratio of the masses; i.e. once a certain number of
black holes are ejected, the Spitzer instability criterion is no longer
satisfied.

⋆E-mail: tjm@phys.soton.ac.uk

In the early Chandra observations of elliptical galaxies, many
sources were found with luminosities exceeding the Eddington lu-
minosity of a single neutron star (e.g. Sarazin, Irwin & Bregman
2000; Angelini, Loewenstein & Mushotzky 2001). Nevertheless,
there remained in those cases the possibility that the X-ray sources
were not single black holes, but rather superpositions of several
bright neutron stars; variability is needed to distinguish between
the two possibilities (Kalogera, King & Rasio 2004). The discovery
of strong variability from the 4.5 × 1039 erg s−1 source, XMMU
122939.7+075333 in NGC 4472, by Maccarone et al. (2007) con-
firmed that, in at least one case, a source could not be explained
as a superposition of Eddington-limited neutron stars, and thus had
to be a black hole, or a highly beamed neutron star. The more re-
cent discoveries of strong, broad [O III] emission lines (Zepf et al.
2007, 2008) from this system ruled out the possibilities of substan-
tial beaming (since the [O III] forbidden line emission must come
from an optically thin and hence isotropically emitting region –
see e.g. Gnedin et al. 2009). This result thus strongly supports a
scenario with a LX ! LEDD system, in order to drive the strong
outflows implied by the optical emission lines. The system is there-
fore likely to host a stellar mass black hole accretor, rather than an
intermediate-mass black hole.

Recently, at least two other cases for black holes in globular clus-
ters have been identified (Brassington et al. 2010; Shih et al. 2010).
Brassington et al. (2010) found evidence for a source in NGC 3379
near the Eddington luminosity for a stellar mass black hole, which
varied by about 30 per cent (with a "L larger than the Eddington
luminosity for a neutron star), and with X-ray spectra consistent
with the expectations for a stellar mass black hole in that luminos-
ity range. Shih et al. (2010) report a more complicated pattern of
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Stellar-Mass Candidate BHs
are Observed in GCs
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Figure 1. VLA 6.2 GHz radio (left) and Chandra X-ray (right) images of the central 50′′ (1.6 pc) of M62, showing the candidate BH M62-VLA1 (orange circle). A
red cross marks the cluster photometric center (Lützgendorf et al. 2013). The other radio source in the central region of M62 is a known pulsar (red circle; Possenti
et al. 2003). North is up and east is to the left.
(A color version of this figure is available in the online journal.)

these objects is associated with a GC in the massive Virgo
elliptical NGC 4472, and has a peak LX ∼ 4 × 1039 erg s−1

(Maccarone et al. 2007). Optical spectroscopy of the associated
GC shows broad (1500 km s−1) [O iii] emission but no Balmer
lines, and the combined data is best explained by a model in
which a stellar-mass BH is accreting at a super-Eddington rate
from a CO white dwarf (Zepf et al. 2008; Peacock et al. 2012).

The few observed super-Eddington BHs in extragalactic GCs
would then simply be those with the most extreme accretion
rates. They likely represent only the very tip of the iceberg in
terms of BH binaries in GCs. Many BHs with lower accretion
rates are almost certain to exist among X-ray sources in GCs,
but they are greatly outnumbered by neutron-star binaries and
are difficult to distinguish from neutron stars using X-ray data
alone.

In Strader et al. (2012a), we developed a new strategy for
identifying quiescent BH binaries in Milky Way GCs, making
use of both radio and X-ray data (see also Maccarone &
Knigge 2007). Stellar-mass BHs accreting at low rates have
compact jets which emit radio continuum via partially self-
absorbed synchrotron emission (Blandford & Königl 1979).
Thus, they are much more luminous in the radio than neutron
stars with comparable X-ray luminosity: LR/LX is ∼2 orders of
magnitude higher for BHs than neutron stars (Migliari & Fender
2006). Before the recent upgrade to the VLA, the radio emission
from a quiescent BH like A0620-00 or V404 Cyg would not
have been detectable at high significance at typical GC distances
(Gallo et al. 2006). The upgraded VLA can now readily detect
the expected flux densities (tens of µJy) in reasonable exposure
times.

Using this technique, we discovered two candidate stellar-
mass BHs in the cluster core of M22 (Strader et al. 2012a).
The sources have flat radio spectra and 6 GHz flux densities
of 55–60 µJy. As these sources are not detected in shallow
archival Chandra imaging, they cannot yet be placed directly
on the LX–LR relation; nevertheless, their overall properties are
consistent with those expected from accreting BH binaries.

Here we report the discovery of a BH candidate in a second
Galactic GC, M62 (NGC 6266; D = 6.8 kpc; Harris 1996).
We call this source M62-VLA1. Unlike the case for the M22
sources, M62-VLA1 has clear X-ray and optical counterparts,
and so is the most compelling candidate black hole X-ray binary
in a Milky Way GC.

In Section 2, we describe our VLA observations, along with
archival Chandra and HST imaging. In Section 3, we present
evidence that M62-VLA1 is an accreting stellar-mass BH.
Section 4 discusses the host binary system: the binary separation
and binary companion. We assess alternative explanations
for M62-VLA1 in Section 5. We summarize our findings in
Section 6.

2. OBSERVATIONS

2.1. VLA Radio Data

We observed M62 with the Karl G. Jansky Very Large Array
(VLA) over the time period 2012 Sept 10–16 as part of the
program 12B-073 (P.I. Strader). Ten hours were spent observing
the cluster, split among seven blocks of 1–1.75 hr duration,
yielding a total of 7 hr on source. We observed in C band with
2 GHz total bandwidth and four polarization products. Of the
two basebands of 1 GHz width, one was centered at 5.0 GHz
and the other at 7.4 GHz. The array was in BnA configuration,
giving a resolution of 1.′′4 × 1.′′1 at 5.0 GHz. The field of view
(full-width at half power) of the VLA at the average frequency
of 6.2 GHz was ∼7.′3 in diameter, significantly larger than the
half-light diameter of M62 (1.′8; Harris 1996).

We observed J1700-2610 as the secondary phase calibrator
and J1407+2827 as the polarization leakage calibrator. 3C286
was used as an absolute flux density, bandpass, and polarization
angle calibrator. The data were reduced using standard routines
in AIPS. Weights from switched power measurements were
applied using TYAPL. Each observing block was edited for bad
data and interference and then calibrated. For each individual
calibrated baseband, the data were concatenated in the uv plane
and then imaged with a Briggs robust value of 1. A bright
source at the edge of the field called for phase and amplitude
self calibration. Figure 1 shows a deep co-added image of
both basebands, obtained by smoothing the 7.4 GHz baseband
to the resolution of the 5.0 GHz basebands and averaging
these together. The rms sensitivity of this co-added image is
2.0 µJy beam−1.

M62-VLA1 is the only significant radio source in the core
of M62. We use the HST-based core radius from Noyola &
Gebhardt (2006) of rc = 6.′′6, and the updated center in J2000 co-
ordinates of 17h01m13.s0, −30◦06′48.′′2 from Lützgendorf et al.
(2013). M62-VLA1 is located at 17h01m13.s217, −30◦06′50.′′60,

2
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Figure 5. HST optical variability of the likely counterpart to M62-VLA1. The
ACS data, taken over 0.15 days (3.6 hr), shows a clear linear trend in three
different filters. The star is more variable than 98% of stars of comparable
brightness, lending credence to the interpretation that the source is an accreting
binary. Photometry of a randomly chosen comparison star of similar F658N
magnitude is shown at bottom with an arbitrary offset.
(A color version of this figure is available in the online journal.)

F658N magnitudes as a function of time for all the comparison
stars, the inferred amplitude of the trend for the M62-VLA1
candidate counterpart is larger than 98% of the stars. The three
F435W frames cover a comparable time baseline and show a

similar trend, although with a somewhat smaller amplitude. Due
to saturation, only two of five frames in F625W have reliable
photometry, but these are consistent with the behavior observed
in the other filters.

Because of the crowding in the core of M62 and the relatively
modest amplitude of the variability, we consider this finding
worthy of further investigation but far from conclusive.

3. A NEW BLACK HOLE CANDIDATE

The most convincing evidence supporting a BH identification
for M62-VLA1 is its ratio of X-ray luminosity (LX) to radio
luminosity (LR). Figure 6 plots M62-VLA1 on the standard
X-ray–radio correlation (Gallo et al. 2006). Its mean flux density
of 19 µJy corresponds to an equivalent 8.4 GHz radio luminosity
of LR = 9×1027 erg s−1 at the distance of M62, assuming a flat
spectrum (α = 0; if the measured α = −0.24 is used instead,
then LR = 8 × 1027 erg s−1). A spectral fit to the X-ray data
gives a luminosity of LX = 7 × 1031 erg s−1 over 3–9 keV. This
particular radio frequency and X-ray spectral range are chosen
because they are the most commonly used in LX–LR relations
in the literature.

With the important caveat that variability could be present
between the X-ray and radio epochs, M62-VLA1 sits squarely
on the BH LX–LR relation. The source appears to be a
doppelganger for the quiescent BH V404 Cyg in its X-ray
and radio luminosities (Miller-Jones et al. 2009). The radio
luminosity for M62-VLA1 is !2 orders of magnitude higher
than expected for accreting neutron stars or white dwarfs.

Both the radio and X-ray spectra of M62-VLA1 are consistent
with an accreting stellar-mass BH. The radio spectral index is
consistent with being flat (α = −0.2 ± 0.4), similar to the
radio indices of known low-luminosity accreting stellar-mass
BHs (α = 0.0–0.2; Fender 2001; Gallo et al. 2005). However,

Figure 6. Radio–X-ray correlation for stellar-mass BHs, showing M62-VLA1 as an open red circle. The open orange circle represents our two BH candidates in M22,
which have very similar radio luminosities to one another and have not yet been detected in X-rays (Strader et al. 2012a). Filled squares have simultaneous X-ray and
radio observations; unfilled points are non-simultaneous. Black points are stellar-mass BHs from the literature (Miller-Jones et al. 2011; Gallo et al. 2012; Ratti et al.
2012; Corbel et al. 2013); some BHs have multiple measurements plotted, representing different accretion phases. The dotted black line is the BH correlation of Gallo
et al. (2006) (LR ∝ L0.58

X , normalized by a least-squares fit to the simultaneous detections with LX < 2 × 1034 erg s−1). The blue lines are two possible correlations
for accreting neutron stars (Migliari & Fender 2006). The solid green line is the maximum radio continuum luminosity detected for accreting white dwarfs (Körding
et al. 2008, 2011).
(A color version of this figure is available in the online journal.)
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Stellar-Mass Candidate BHs
are Observed in GCs



Massive GC-like clusters are born with N~105 — 106 stars, leading to hundreds 
to thousands of BH progenitors. 

What happens to these BHs is still an evolving story. 

• Past understanding: Mass segregation followed by rapid dynamical ejections 
deplete GCs of BHs on ~ Gyr timescales (e.g., Spitzer 1969; Kulkarni et al. 1993; 
Sigurdsson & Hernquist 1993; Portegies Zwart & McMillan 2000; Kalogera et al. 2004) 

• BH candidates are beginning to be discovered in old GCs (e.g., Maccarone et 
al. 2007; Irwin et al. 2010; Strader et al. 2012; Chomiuk et al. 2013) 

• Modern simulations reveal why BH evaporation is not efficient 

• A small fraction of most massive BHs get decoupled from the cluster; even 
those do not stay decoupled for long. (e.g., Mackey et al. 2008; Moody & 
Sigurdsson 2009; Aarseth 2012; Breen & Heggie 2013; Morscher et al. 2013, 2015)

Stellar-Mass BHs Remain in Old GCs
and do interesting things
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Figure 3. Time variation of central gravitational potential through a core oscillation around 200 Myr for model n16w7rg20 (lower right panel in Figure 2). Top left:
zoom-in on the Lagrange radii from about 180–220 Myr. The radial coordinate is given in units of the initial half-mass radius (rh(0)). The three solid curves are the
0.1%, 1%, and 10% (from bottom to top) Lagrange radii of the BHs, and the dotted curve is the 0.1% radius for all non-BH stars. The vertical dashed lines indicate
the times when three-body binaries were formed. The vertical solid red lines specify the period of time that we focus on in both the right and the lower panels, which
covers a deep collapse and subsequent re-expansion. Top right: the full gravitational potential, φ(r), at four different times (as indicated on the lower panel), in units of
GM/rh, where M is the total cluster mass and rh is the half-mass radius, at that particular time. Bottom: zoom-in on the central potential, showing the radial positions
of the innermost 50 BHs (red ticks) and non-BHs (blue ticks) at each time.

(with initial Rv = 1 pc) and those at the smallest Galactocentric
distances (RG = 2 kpc), which have the smallest tidal radii,
lose mass at faster rates. In fact, among our low-N models,
the three with RG = 2 kpc (n2w5rg2, n2w5rg2, n2w7rg2)
nearly completely evaporate within about 6 Gyr (dotted lines in
the upper left panel of Figure 5), and the model with Rv = 1 pc
(n2-B) has lost more than 80% of its mass by the end of the
simulation. The mass loss rate does not change significantly
over the range RG = 8–20 kpc. The final structural properties
for all of our models are shown in Table 2. Note that these are
all theoretical properties (e.g., the density and core radius are
computing using all objects, not just luminous stars that can
actually be observed). Observable properties of our clusters are
discussed later.

4.2. Retained Black Hole Populations

Next we look at the properties and evolution of the retained
BHs in more detail and discuss differences among our models.
The initial BH mass spectrum is shown in Figure 7, and aside
from the normalization, the only factor that significantly affects
the mass function is the metallicity Z. Since massive and
metal-rich stars lose more mass via stellar winds, they form
less massive BHs than do lower metallicity stars (see lower
right panel). Our models retain between 65%–90% of the BHs
initially, depending primarily on RG (and Z) and Rv. The reason
for the RG and Z dependence of the initial retention fraction is
twofold: First, a BH with a given position and kick speed will
escape more easily from the cluster with the smaller tidal radius.

Additionally, since models with smaller RG also have larger Z,
the BHs produced have lower masses and will therefore tend to
receive stronger kicks, making these objects even more likely
to be ejected upon formation. More compact clusters (small Rv)
can retain initially formed BHs more easily.

In Figure 6 we show the distribution of single and binary
BHs as a function of time for our six representative models.
Here we see that almost all of the retained BHs remain as single
stars throughout the cluster evolution, in agreement with our
earlier results (Morscher et al. 2013). There are usually no more
than a few tens of BH binaries of any type inside the clusters
at any given time, and are usually made up of comparable
numbers of BH–BH and BH–non-BH binaries. A larger supply
of primordial binaries does provide more opportunities for BHs
to exchange into binaries through dynamical interactions and so
we see a slightly larger number of BH binaries in models with
larger fb. This effect can be seen in the center panels in Figure 6,
where we compare model n8-E (fb = 50%, right) to model
n8w5rg8 (fb = 10%, left). Since most of the primordial binary
population consists of two low-mass stars initially (which will
never become BHs), the number of BH–non-BH binaries is most
affected by the primordial binary fraction. The other parameters
seem to have only a minor effect on the number of BH binaries
in clusters.

The final retained BH mass distributions are shown in Figure 7
along with the initially retained population, for comparison.
Since the most massive BHs segregate the deepest they also
interact the most frequently, and therefore tend to be the
first to be ejected. Over time, the maximum BH mass in the
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Figure 3. Time variation of central gravitational potential through a core oscillation around 200 Myr for model n16w7rg20 (lower right panel in Figure 2). Top left:
zoom-in on the Lagrange radii from about 180–220 Myr. The radial coordinate is given in units of the initial half-mass radius (rh(0)). The three solid curves are the
0.1%, 1%, and 10% (from bottom to top) Lagrange radii of the BHs, and the dotted curve is the 0.1% radius for all non-BH stars. The vertical dashed lines indicate
the times when three-body binaries were formed. The vertical solid red lines specify the period of time that we focus on in both the right and the lower panels, which
covers a deep collapse and subsequent re-expansion. Top right: the full gravitational potential, φ(r), at four different times (as indicated on the lower panel), in units of
GM/rh, where M is the total cluster mass and rh is the half-mass radius, at that particular time. Bottom: zoom-in on the central potential, showing the radial positions
of the innermost 50 BHs (red ticks) and non-BHs (blue ticks) at each time.

(with initial Rv = 1 pc) and those at the smallest Galactocentric
distances (RG = 2 kpc), which have the smallest tidal radii,
lose mass at faster rates. In fact, among our low-N models,
the three with RG = 2 kpc (n2w5rg2, n2w5rg2, n2w7rg2)
nearly completely evaporate within about 6 Gyr (dotted lines in
the upper left panel of Figure 5), and the model with Rv = 1 pc
(n2-B) has lost more than 80% of its mass by the end of the
simulation. The mass loss rate does not change significantly
over the range RG = 8–20 kpc. The final structural properties
for all of our models are shown in Table 2. Note that these are
all theoretical properties (e.g., the density and core radius are
computing using all objects, not just luminous stars that can
actually be observed). Observable properties of our clusters are
discussed later.

4.2. Retained Black Hole Populations

Next we look at the properties and evolution of the retained
BHs in more detail and discuss differences among our models.
The initial BH mass spectrum is shown in Figure 7, and aside
from the normalization, the only factor that significantly affects
the mass function is the metallicity Z. Since massive and
metal-rich stars lose more mass via stellar winds, they form
less massive BHs than do lower metallicity stars (see lower
right panel). Our models retain between 65%–90% of the BHs
initially, depending primarily on RG (and Z) and Rv. The reason
for the RG and Z dependence of the initial retention fraction is
twofold: First, a BH with a given position and kick speed will
escape more easily from the cluster with the smaller tidal radius.

Additionally, since models with smaller RG also have larger Z,
the BHs produced have lower masses and will therefore tend to
receive stronger kicks, making these objects even more likely
to be ejected upon formation. More compact clusters (small Rv)
can retain initially formed BHs more easily.

In Figure 6 we show the distribution of single and binary
BHs as a function of time for our six representative models.
Here we see that almost all of the retained BHs remain as single
stars throughout the cluster evolution, in agreement with our
earlier results (Morscher et al. 2013). There are usually no more
than a few tens of BH binaries of any type inside the clusters
at any given time, and are usually made up of comparable
numbers of BH–BH and BH–non-BH binaries. A larger supply
of primordial binaries does provide more opportunities for BHs
to exchange into binaries through dynamical interactions and so
we see a slightly larger number of BH binaries in models with
larger fb. This effect can be seen in the center panels in Figure 6,
where we compare model n8-E (fb = 50%, right) to model
n8w5rg8 (fb = 10%, left). Since most of the primordial binary
population consists of two low-mass stars initially (which will
never become BHs), the number of BH–non-BH binaries is most
affected by the primordial binary fraction. The other parameters
seem to have only a minor effect on the number of BH binaries
in clusters.

The final retained BH mass distributions are shown in Figure 7
along with the initially retained population, for comparison.
Since the most massive BHs segregate the deepest they also
interact the most frequently, and therefore tend to be the
first to be ejected. Over time, the maximum BH mass in the
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Figure 3. Time variation of central gravitational potential through a core oscillation around 200 Myr for model n16w7rg20 (lower right panel in Figure 2). Top left:
zoom-in on the Lagrange radii from about 180–220 Myr. The radial coordinate is given in units of the initial half-mass radius (rh(0)). The three solid curves are the
0.1%, 1%, and 10% (from bottom to top) Lagrange radii of the BHs, and the dotted curve is the 0.1% radius for all non-BH stars. The vertical dashed lines indicate
the times when three-body binaries were formed. The vertical solid red lines specify the period of time that we focus on in both the right and the lower panels, which
covers a deep collapse and subsequent re-expansion. Top right: the full gravitational potential, φ(r), at four different times (as indicated on the lower panel), in units of
GM/rh, where M is the total cluster mass and rh is the half-mass radius, at that particular time. Bottom: zoom-in on the central potential, showing the radial positions
of the innermost 50 BHs (red ticks) and non-BHs (blue ticks) at each time.

(with initial Rv = 1 pc) and those at the smallest Galactocentric
distances (RG = 2 kpc), which have the smallest tidal radii,
lose mass at faster rates. In fact, among our low-N models,
the three with RG = 2 kpc (n2w5rg2, n2w5rg2, n2w7rg2)
nearly completely evaporate within about 6 Gyr (dotted lines in
the upper left panel of Figure 5), and the model with Rv = 1 pc
(n2-B) has lost more than 80% of its mass by the end of the
simulation. The mass loss rate does not change significantly
over the range RG = 8–20 kpc. The final structural properties
for all of our models are shown in Table 2. Note that these are
all theoretical properties (e.g., the density and core radius are
computing using all objects, not just luminous stars that can
actually be observed). Observable properties of our clusters are
discussed later.

4.2. Retained Black Hole Populations

Next we look at the properties and evolution of the retained
BHs in more detail and discuss differences among our models.
The initial BH mass spectrum is shown in Figure 7, and aside
from the normalization, the only factor that significantly affects
the mass function is the metallicity Z. Since massive and
metal-rich stars lose more mass via stellar winds, they form
less massive BHs than do lower metallicity stars (see lower
right panel). Our models retain between 65%–90% of the BHs
initially, depending primarily on RG (and Z) and Rv. The reason
for the RG and Z dependence of the initial retention fraction is
twofold: First, a BH with a given position and kick speed will
escape more easily from the cluster with the smaller tidal radius.

Additionally, since models with smaller RG also have larger Z,
the BHs produced have lower masses and will therefore tend to
receive stronger kicks, making these objects even more likely
to be ejected upon formation. More compact clusters (small Rv)
can retain initially formed BHs more easily.

In Figure 6 we show the distribution of single and binary
BHs as a function of time for our six representative models.
Here we see that almost all of the retained BHs remain as single
stars throughout the cluster evolution, in agreement with our
earlier results (Morscher et al. 2013). There are usually no more
than a few tens of BH binaries of any type inside the clusters
at any given time, and are usually made up of comparable
numbers of BH–BH and BH–non-BH binaries. A larger supply
of primordial binaries does provide more opportunities for BHs
to exchange into binaries through dynamical interactions and so
we see a slightly larger number of BH binaries in models with
larger fb. This effect can be seen in the center panels in Figure 6,
where we compare model n8-E (fb = 50%, right) to model
n8w5rg8 (fb = 10%, left). Since most of the primordial binary
population consists of two low-mass stars initially (which will
never become BHs), the number of BH–non-BH binaries is most
affected by the primordial binary fraction. The other parameters
seem to have only a minor effect on the number of BH binaries
in clusters.

The final retained BH mass distributions are shown in Figure 7
along with the initially retained population, for comparison.
Since the most massive BHs segregate the deepest they also
interact the most frequently, and therefore tend to be the
first to be ejected. Over time, the maximum BH mass in the
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Figure 3. Time variation of central gravitational potential through a core oscillation around 200 Myr for model n16w7rg20 (lower right panel in Figure 2). Top left:
zoom-in on the Lagrange radii from about 180–220 Myr. The radial coordinate is given in units of the initial half-mass radius (rh(0)). The three solid curves are the
0.1%, 1%, and 10% (from bottom to top) Lagrange radii of the BHs, and the dotted curve is the 0.1% radius for all non-BH stars. The vertical dashed lines indicate
the times when three-body binaries were formed. The vertical solid red lines specify the period of time that we focus on in both the right and the lower panels, which
covers a deep collapse and subsequent re-expansion. Top right: the full gravitational potential, φ(r), at four different times (as indicated on the lower panel), in units of
GM/rh, where M is the total cluster mass and rh is the half-mass radius, at that particular time. Bottom: zoom-in on the central potential, showing the radial positions
of the innermost 50 BHs (red ticks) and non-BHs (blue ticks) at each time.

(with initial Rv = 1 pc) and those at the smallest Galactocentric
distances (RG = 2 kpc), which have the smallest tidal radii,
lose mass at faster rates. In fact, among our low-N models,
the three with RG = 2 kpc (n2w5rg2, n2w5rg2, n2w7rg2)
nearly completely evaporate within about 6 Gyr (dotted lines in
the upper left panel of Figure 5), and the model with Rv = 1 pc
(n2-B) has lost more than 80% of its mass by the end of the
simulation. The mass loss rate does not change significantly
over the range RG = 8–20 kpc. The final structural properties
for all of our models are shown in Table 2. Note that these are
all theoretical properties (e.g., the density and core radius are
computing using all objects, not just luminous stars that can
actually be observed). Observable properties of our clusters are
discussed later.

4.2. Retained Black Hole Populations

Next we look at the properties and evolution of the retained
BHs in more detail and discuss differences among our models.
The initial BH mass spectrum is shown in Figure 7, and aside
from the normalization, the only factor that significantly affects
the mass function is the metallicity Z. Since massive and
metal-rich stars lose more mass via stellar winds, they form
less massive BHs than do lower metallicity stars (see lower
right panel). Our models retain between 65%–90% of the BHs
initially, depending primarily on RG (and Z) and Rv. The reason
for the RG and Z dependence of the initial retention fraction is
twofold: First, a BH with a given position and kick speed will
escape more easily from the cluster with the smaller tidal radius.

Additionally, since models with smaller RG also have larger Z,
the BHs produced have lower masses and will therefore tend to
receive stronger kicks, making these objects even more likely
to be ejected upon formation. More compact clusters (small Rv)
can retain initially formed BHs more easily.

In Figure 6 we show the distribution of single and binary
BHs as a function of time for our six representative models.
Here we see that almost all of the retained BHs remain as single
stars throughout the cluster evolution, in agreement with our
earlier results (Morscher et al. 2013). There are usually no more
than a few tens of BH binaries of any type inside the clusters
at any given time, and are usually made up of comparable
numbers of BH–BH and BH–non-BH binaries. A larger supply
of primordial binaries does provide more opportunities for BHs
to exchange into binaries through dynamical interactions and so
we see a slightly larger number of BH binaries in models with
larger fb. This effect can be seen in the center panels in Figure 6,
where we compare model n8-E (fb = 50%, right) to model
n8w5rg8 (fb = 10%, left). Since most of the primordial binary
population consists of two low-mass stars initially (which will
never become BHs), the number of BH–non-BH binaries is most
affected by the primordial binary fraction. The other parameters
seem to have only a minor effect on the number of BH binaries
in clusters.

The final retained BH mass distributions are shown in Figure 7
along with the initially retained population, for comparison.
Since the most massive BHs segregate the deepest they also
interact the most frequently, and therefore tend to be the
first to be ejected. Over time, the maximum BH mass in the
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Figure 3. Time variation of central gravitational potential through a core oscillation around 200 Myr for model n16w7rg20 (lower right panel in Figure 2). Top left:
zoom-in on the Lagrange radii from about 180–220 Myr. The radial coordinate is given in units of the initial half-mass radius (rh(0)). The three solid curves are the
0.1%, 1%, and 10% (from bottom to top) Lagrange radii of the BHs, and the dotted curve is the 0.1% radius for all non-BH stars. The vertical dashed lines indicate
the times when three-body binaries were formed. The vertical solid red lines specify the period of time that we focus on in both the right and the lower panels, which
covers a deep collapse and subsequent re-expansion. Top right: the full gravitational potential, φ(r), at four different times (as indicated on the lower panel), in units of
GM/rh, where M is the total cluster mass and rh is the half-mass radius, at that particular time. Bottom: zoom-in on the central potential, showing the radial positions
of the innermost 50 BHs (red ticks) and non-BHs (blue ticks) at each time.

(with initial Rv = 1 pc) and those at the smallest Galactocentric
distances (RG = 2 kpc), which have the smallest tidal radii,
lose mass at faster rates. In fact, among our low-N models,
the three with RG = 2 kpc (n2w5rg2, n2w5rg2, n2w7rg2)
nearly completely evaporate within about 6 Gyr (dotted lines in
the upper left panel of Figure 5), and the model with Rv = 1 pc
(n2-B) has lost more than 80% of its mass by the end of the
simulation. The mass loss rate does not change significantly
over the range RG = 8–20 kpc. The final structural properties
for all of our models are shown in Table 2. Note that these are
all theoretical properties (e.g., the density and core radius are
computing using all objects, not just luminous stars that can
actually be observed). Observable properties of our clusters are
discussed later.

4.2. Retained Black Hole Populations

Next we look at the properties and evolution of the retained
BHs in more detail and discuss differences among our models.
The initial BH mass spectrum is shown in Figure 7, and aside
from the normalization, the only factor that significantly affects
the mass function is the metallicity Z. Since massive and
metal-rich stars lose more mass via stellar winds, they form
less massive BHs than do lower metallicity stars (see lower
right panel). Our models retain between 65%–90% of the BHs
initially, depending primarily on RG (and Z) and Rv. The reason
for the RG and Z dependence of the initial retention fraction is
twofold: First, a BH with a given position and kick speed will
escape more easily from the cluster with the smaller tidal radius.

Additionally, since models with smaller RG also have larger Z,
the BHs produced have lower masses and will therefore tend to
receive stronger kicks, making these objects even more likely
to be ejected upon formation. More compact clusters (small Rv)
can retain initially formed BHs more easily.

In Figure 6 we show the distribution of single and binary
BHs as a function of time for our six representative models.
Here we see that almost all of the retained BHs remain as single
stars throughout the cluster evolution, in agreement with our
earlier results (Morscher et al. 2013). There are usually no more
than a few tens of BH binaries of any type inside the clusters
at any given time, and are usually made up of comparable
numbers of BH–BH and BH–non-BH binaries. A larger supply
of primordial binaries does provide more opportunities for BHs
to exchange into binaries through dynamical interactions and so
we see a slightly larger number of BH binaries in models with
larger fb. This effect can be seen in the center panels in Figure 6,
where we compare model n8-E (fb = 50%, right) to model
n8w5rg8 (fb = 10%, left). Since most of the primordial binary
population consists of two low-mass stars initially (which will
never become BHs), the number of BH–non-BH binaries is most
affected by the primordial binary fraction. The other parameters
seem to have only a minor effect on the number of BH binaries
in clusters.

The final retained BH mass distributions are shown in Figure 7
along with the initially retained population, for comparison.
Since the most massive BHs segregate the deepest they also
interact the most frequently, and therefore tend to be the
first to be ejected. Over time, the maximum BH mass in the
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Figure 3. Time variation of central gravitational potential through a core oscillation around 200 Myr for model n16w7rg20 (lower right panel in Figure 2). Top left:
zoom-in on the Lagrange radii from about 180–220 Myr. The radial coordinate is given in units of the initial half-mass radius (rh(0)). The three solid curves are the
0.1%, 1%, and 10% (from bottom to top) Lagrange radii of the BHs, and the dotted curve is the 0.1% radius for all non-BH stars. The vertical dashed lines indicate
the times when three-body binaries were formed. The vertical solid red lines specify the period of time that we focus on in both the right and the lower panels, which
covers a deep collapse and subsequent re-expansion. Top right: the full gravitational potential, φ(r), at four different times (as indicated on the lower panel), in units of
GM/rh, where M is the total cluster mass and rh is the half-mass radius, at that particular time. Bottom: zoom-in on the central potential, showing the radial positions
of the innermost 50 BHs (red ticks) and non-BHs (blue ticks) at each time.

(with initial Rv = 1 pc) and those at the smallest Galactocentric
distances (RG = 2 kpc), which have the smallest tidal radii,
lose mass at faster rates. In fact, among our low-N models,
the three with RG = 2 kpc (n2w5rg2, n2w5rg2, n2w7rg2)
nearly completely evaporate within about 6 Gyr (dotted lines in
the upper left panel of Figure 5), and the model with Rv = 1 pc
(n2-B) has lost more than 80% of its mass by the end of the
simulation. The mass loss rate does not change significantly
over the range RG = 8–20 kpc. The final structural properties
for all of our models are shown in Table 2. Note that these are
all theoretical properties (e.g., the density and core radius are
computing using all objects, not just luminous stars that can
actually be observed). Observable properties of our clusters are
discussed later.
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less massive BHs than do lower metallicity stars (see lower
right panel). Our models retain between 65%–90% of the BHs
initially, depending primarily on RG (and Z) and Rv. The reason
for the RG and Z dependence of the initial retention fraction is
twofold: First, a BH with a given position and kick speed will
escape more easily from the cluster with the smaller tidal radius.

Additionally, since models with smaller RG also have larger Z,
the BHs produced have lower masses and will therefore tend to
receive stronger kicks, making these objects even more likely
to be ejected upon formation. More compact clusters (small Rv)
can retain initially formed BHs more easily.

In Figure 6 we show the distribution of single and binary
BHs as a function of time for our six representative models.
Here we see that almost all of the retained BHs remain as single
stars throughout the cluster evolution, in agreement with our
earlier results (Morscher et al. 2013). There are usually no more
than a few tens of BH binaries of any type inside the clusters
at any given time, and are usually made up of comparable
numbers of BH–BH and BH–non-BH binaries. A larger supply
of primordial binaries does provide more opportunities for BHs
to exchange into binaries through dynamical interactions and so
we see a slightly larger number of BH binaries in models with
larger fb. This effect can be seen in the center panels in Figure 6,
where we compare model n8-E (fb = 50%, right) to model
n8w5rg8 (fb = 10%, left). Since most of the primordial binary
population consists of two low-mass stars initially (which will
never become BHs), the number of BH–non-BH binaries is most
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seem to have only a minor effect on the number of BH binaries
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Figure 3. Time variation of central gravitational potential through a core oscillation around 200 Myr for model n16w7rg20 (lower right panel in Figure 2). Top left:
zoom-in on the Lagrange radii from about 180–220 Myr. The radial coordinate is given in units of the initial half-mass radius (rh(0)). The three solid curves are the
0.1%, 1%, and 10% (from bottom to top) Lagrange radii of the BHs, and the dotted curve is the 0.1% radius for all non-BH stars. The vertical dashed lines indicate
the times when three-body binaries were formed. The vertical solid red lines specify the period of time that we focus on in both the right and the lower panels, which
covers a deep collapse and subsequent re-expansion. Top right: the full gravitational potential, φ(r), at four different times (as indicated on the lower panel), in units of
GM/rh, where M is the total cluster mass and rh is the half-mass radius, at that particular time. Bottom: zoom-in on the central potential, showing the radial positions
of the innermost 50 BHs (red ticks) and non-BHs (blue ticks) at each time.

(with initial Rv = 1 pc) and those at the smallest Galactocentric
distances (RG = 2 kpc), which have the smallest tidal radii,
lose mass at faster rates. In fact, among our low-N models,
the three with RG = 2 kpc (n2w5rg2, n2w5rg2, n2w7rg2)
nearly completely evaporate within about 6 Gyr (dotted lines in
the upper left panel of Figure 5), and the model with Rv = 1 pc
(n2-B) has lost more than 80% of its mass by the end of the
simulation. The mass loss rate does not change significantly
over the range RG = 8–20 kpc. The final structural properties
for all of our models are shown in Table 2. Note that these are
all theoretical properties (e.g., the density and core radius are
computing using all objects, not just luminous stars that can
actually be observed). Observable properties of our clusters are
discussed later.

4.2. Retained Black Hole Populations

Next we look at the properties and evolution of the retained
BHs in more detail and discuss differences among our models.
The initial BH mass spectrum is shown in Figure 7, and aside
from the normalization, the only factor that significantly affects
the mass function is the metallicity Z. Since massive and
metal-rich stars lose more mass via stellar winds, they form
less massive BHs than do lower metallicity stars (see lower
right panel). Our models retain between 65%–90% of the BHs
initially, depending primarily on RG (and Z) and Rv. The reason
for the RG and Z dependence of the initial retention fraction is
twofold: First, a BH with a given position and kick speed will
escape more easily from the cluster with the smaller tidal radius.

Additionally, since models with smaller RG also have larger Z,
the BHs produced have lower masses and will therefore tend to
receive stronger kicks, making these objects even more likely
to be ejected upon formation. More compact clusters (small Rv)
can retain initially formed BHs more easily.

In Figure 6 we show the distribution of single and binary
BHs as a function of time for our six representative models.
Here we see that almost all of the retained BHs remain as single
stars throughout the cluster evolution, in agreement with our
earlier results (Morscher et al. 2013). There are usually no more
than a few tens of BH binaries of any type inside the clusters
at any given time, and are usually made up of comparable
numbers of BH–BH and BH–non-BH binaries. A larger supply
of primordial binaries does provide more opportunities for BHs
to exchange into binaries through dynamical interactions and so
we see a slightly larger number of BH binaries in models with
larger fb. This effect can be seen in the center panels in Figure 6,
where we compare model n8-E (fb = 50%, right) to model
n8w5rg8 (fb = 10%, left). Since most of the primordial binary
population consists of two low-mass stars initially (which will
never become BHs), the number of BH–non-BH binaries is most
affected by the primordial binary fraction. The other parameters
seem to have only a minor effect on the number of BH binaries
in clusters.

The final retained BH mass distributions are shown in Figure 7
along with the initially retained population, for comparison.
Since the most massive BHs segregate the deepest they also
interact the most frequently, and therefore tend to be the
first to be ejected. Over time, the maximum BH mass in the
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Figure 3. Time variation of central gravitational potential through a core oscillation around 200 Myr for model n16w7rg20 (lower right panel in Figure 2). Top left:
zoom-in on the Lagrange radii from about 180–220 Myr. The radial coordinate is given in units of the initial half-mass radius (rh(0)). The three solid curves are the
0.1%, 1%, and 10% (from bottom to top) Lagrange radii of the BHs, and the dotted curve is the 0.1% radius for all non-BH stars. The vertical dashed lines indicate
the times when three-body binaries were formed. The vertical solid red lines specify the period of time that we focus on in both the right and the lower panels, which
covers a deep collapse and subsequent re-expansion. Top right: the full gravitational potential, φ(r), at four different times (as indicated on the lower panel), in units of
GM/rh, where M is the total cluster mass and rh is the half-mass radius, at that particular time. Bottom: zoom-in on the central potential, showing the radial positions
of the innermost 50 BHs (red ticks) and non-BHs (blue ticks) at each time.

(with initial Rv = 1 pc) and those at the smallest Galactocentric
distances (RG = 2 kpc), which have the smallest tidal radii,
lose mass at faster rates. In fact, among our low-N models,
the three with RG = 2 kpc (n2w5rg2, n2w5rg2, n2w7rg2)
nearly completely evaporate within about 6 Gyr (dotted lines in
the upper left panel of Figure 5), and the model with Rv = 1 pc
(n2-B) has lost more than 80% of its mass by the end of the
simulation. The mass loss rate does not change significantly
over the range RG = 8–20 kpc. The final structural properties
for all of our models are shown in Table 2. Note that these are
all theoretical properties (e.g., the density and core radius are
computing using all objects, not just luminous stars that can
actually be observed). Observable properties of our clusters are
discussed later.

4.2. Retained Black Hole Populations

Next we look at the properties and evolution of the retained
BHs in more detail and discuss differences among our models.
The initial BH mass spectrum is shown in Figure 7, and aside
from the normalization, the only factor that significantly affects
the mass function is the metallicity Z. Since massive and
metal-rich stars lose more mass via stellar winds, they form
less massive BHs than do lower metallicity stars (see lower
right panel). Our models retain between 65%–90% of the BHs
initially, depending primarily on RG (and Z) and Rv. The reason
for the RG and Z dependence of the initial retention fraction is
twofold: First, a BH with a given position and kick speed will
escape more easily from the cluster with the smaller tidal radius.

Additionally, since models with smaller RG also have larger Z,
the BHs produced have lower masses and will therefore tend to
receive stronger kicks, making these objects even more likely
to be ejected upon formation. More compact clusters (small Rv)
can retain initially formed BHs more easily.

In Figure 6 we show the distribution of single and binary
BHs as a function of time for our six representative models.
Here we see that almost all of the retained BHs remain as single
stars throughout the cluster evolution, in agreement with our
earlier results (Morscher et al. 2013). There are usually no more
than a few tens of BH binaries of any type inside the clusters
at any given time, and are usually made up of comparable
numbers of BH–BH and BH–non-BH binaries. A larger supply
of primordial binaries does provide more opportunities for BHs
to exchange into binaries through dynamical interactions and so
we see a slightly larger number of BH binaries in models with
larger fb. This effect can be seen in the center panels in Figure 6,
where we compare model n8-E (fb = 50%, right) to model
n8w5rg8 (fb = 10%, left). Since most of the primordial binary
population consists of two low-mass stars initially (which will
never become BHs), the number of BH–non-BH binaries is most
affected by the primordial binary fraction. The other parameters
seem to have only a minor effect on the number of BH binaries
in clusters.

The final retained BH mass distributions are shown in Figure 7
along with the initially retained population, for comparison.
Since the most massive BHs segregate the deepest they also
interact the most frequently, and therefore tend to be the
first to be ejected. Over time, the maximum BH mass in the
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Figure 3. Time variation of central gravitational potential through a core oscillation around 200 Myr for model n16w7rg20 (lower right panel in Figure 2). Top left:
zoom-in on the Lagrange radii from about 180–220 Myr. The radial coordinate is given in units of the initial half-mass radius (rh(0)). The three solid curves are the
0.1%, 1%, and 10% (from bottom to top) Lagrange radii of the BHs, and the dotted curve is the 0.1% radius for all non-BH stars. The vertical dashed lines indicate
the times when three-body binaries were formed. The vertical solid red lines specify the period of time that we focus on in both the right and the lower panels, which
covers a deep collapse and subsequent re-expansion. Top right: the full gravitational potential, φ(r), at four different times (as indicated on the lower panel), in units of
GM/rh, where M is the total cluster mass and rh is the half-mass radius, at that particular time. Bottom: zoom-in on the central potential, showing the radial positions
of the innermost 50 BHs (red ticks) and non-BHs (blue ticks) at each time.

(with initial Rv = 1 pc) and those at the smallest Galactocentric
distances (RG = 2 kpc), which have the smallest tidal radii,
lose mass at faster rates. In fact, among our low-N models,
the three with RG = 2 kpc (n2w5rg2, n2w5rg2, n2w7rg2)
nearly completely evaporate within about 6 Gyr (dotted lines in
the upper left panel of Figure 5), and the model with Rv = 1 pc
(n2-B) has lost more than 80% of its mass by the end of the
simulation. The mass loss rate does not change significantly
over the range RG = 8–20 kpc. The final structural properties
for all of our models are shown in Table 2. Note that these are
all theoretical properties (e.g., the density and core radius are
computing using all objects, not just luminous stars that can
actually be observed). Observable properties of our clusters are
discussed later.

4.2. Retained Black Hole Populations

Next we look at the properties and evolution of the retained
BHs in more detail and discuss differences among our models.
The initial BH mass spectrum is shown in Figure 7, and aside
from the normalization, the only factor that significantly affects
the mass function is the metallicity Z. Since massive and
metal-rich stars lose more mass via stellar winds, they form
less massive BHs than do lower metallicity stars (see lower
right panel). Our models retain between 65%–90% of the BHs
initially, depending primarily on RG (and Z) and Rv. The reason
for the RG and Z dependence of the initial retention fraction is
twofold: First, a BH with a given position and kick speed will
escape more easily from the cluster with the smaller tidal radius.

Additionally, since models with smaller RG also have larger Z,
the BHs produced have lower masses and will therefore tend to
receive stronger kicks, making these objects even more likely
to be ejected upon formation. More compact clusters (small Rv)
can retain initially formed BHs more easily.

In Figure 6 we show the distribution of single and binary
BHs as a function of time for our six representative models.
Here we see that almost all of the retained BHs remain as single
stars throughout the cluster evolution, in agreement with our
earlier results (Morscher et al. 2013). There are usually no more
than a few tens of BH binaries of any type inside the clusters
at any given time, and are usually made up of comparable
numbers of BH–BH and BH–non-BH binaries. A larger supply
of primordial binaries does provide more opportunities for BHs
to exchange into binaries through dynamical interactions and so
we see a slightly larger number of BH binaries in models with
larger fb. This effect can be seen in the center panels in Figure 6,
where we compare model n8-E (fb = 50%, right) to model
n8w5rg8 (fb = 10%, left). Since most of the primordial binary
population consists of two low-mass stars initially (which will
never become BHs), the number of BH–non-BH binaries is most
affected by the primordial binary fraction. The other parameters
seem to have only a minor effect on the number of BH binaries
in clusters.

The final retained BH mass distributions are shown in Figure 7
along with the initially retained population, for comparison.
Since the most massive BHs segregate the deepest they also
interact the most frequently, and therefore tend to be the
first to be ejected. Over time, the maximum BH mass in the
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Figure 3. Time variation of central gravitational potential through a core oscillation around 200 Myr for model n16w7rg20 (lower right panel in Figure 2). Top left:
zoom-in on the Lagrange radii from about 180–220 Myr. The radial coordinate is given in units of the initial half-mass radius (rh(0)). The three solid curves are the
0.1%, 1%, and 10% (from bottom to top) Lagrange radii of the BHs, and the dotted curve is the 0.1% radius for all non-BH stars. The vertical dashed lines indicate
the times when three-body binaries were formed. The vertical solid red lines specify the period of time that we focus on in both the right and the lower panels, which
covers a deep collapse and subsequent re-expansion. Top right: the full gravitational potential, φ(r), at four different times (as indicated on the lower panel), in units of
GM/rh, where M is the total cluster mass and rh is the half-mass radius, at that particular time. Bottom: zoom-in on the central potential, showing the radial positions
of the innermost 50 BHs (red ticks) and non-BHs (blue ticks) at each time.

(with initial Rv = 1 pc) and those at the smallest Galactocentric
distances (RG = 2 kpc), which have the smallest tidal radii,
lose mass at faster rates. In fact, among our low-N models,
the three with RG = 2 kpc (n2w5rg2, n2w5rg2, n2w7rg2)
nearly completely evaporate within about 6 Gyr (dotted lines in
the upper left panel of Figure 5), and the model with Rv = 1 pc
(n2-B) has lost more than 80% of its mass by the end of the
simulation. The mass loss rate does not change significantly
over the range RG = 8–20 kpc. The final structural properties
for all of our models are shown in Table 2. Note that these are
all theoretical properties (e.g., the density and core radius are
computing using all objects, not just luminous stars that can
actually be observed). Observable properties of our clusters are
discussed later.

4.2. Retained Black Hole Populations

Next we look at the properties and evolution of the retained
BHs in more detail and discuss differences among our models.
The initial BH mass spectrum is shown in Figure 7, and aside
from the normalization, the only factor that significantly affects
the mass function is the metallicity Z. Since massive and
metal-rich stars lose more mass via stellar winds, they form
less massive BHs than do lower metallicity stars (see lower
right panel). Our models retain between 65%–90% of the BHs
initially, depending primarily on RG (and Z) and Rv. The reason
for the RG and Z dependence of the initial retention fraction is
twofold: First, a BH with a given position and kick speed will
escape more easily from the cluster with the smaller tidal radius.

Additionally, since models with smaller RG also have larger Z,
the BHs produced have lower masses and will therefore tend to
receive stronger kicks, making these objects even more likely
to be ejected upon formation. More compact clusters (small Rv)
can retain initially formed BHs more easily.

In Figure 6 we show the distribution of single and binary
BHs as a function of time for our six representative models.
Here we see that almost all of the retained BHs remain as single
stars throughout the cluster evolution, in agreement with our
earlier results (Morscher et al. 2013). There are usually no more
than a few tens of BH binaries of any type inside the clusters
at any given time, and are usually made up of comparable
numbers of BH–BH and BH–non-BH binaries. A larger supply
of primordial binaries does provide more opportunities for BHs
to exchange into binaries through dynamical interactions and so
we see a slightly larger number of BH binaries in models with
larger fb. This effect can be seen in the center panels in Figure 6,
where we compare model n8-E (fb = 50%, right) to model
n8w5rg8 (fb = 10%, left). Since most of the primordial binary
population consists of two low-mass stars initially (which will
never become BHs), the number of BH–non-BH binaries is most
affected by the primordial binary fraction. The other parameters
seem to have only a minor effect on the number of BH binaries
in clusters.

The final retained BH mass distributions are shown in Figure 7
along with the initially retained population, for comparison.
Since the most massive BHs segregate the deepest they also
interact the most frequently, and therefore tend to be the
first to be ejected. Over time, the maximum BH mass in the
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Figure 3. Time variation of central gravitational potential through a core oscillation around 200 Myr for model n16w7rg20 (lower right panel in Figure 2). Top left:
zoom-in on the Lagrange radii from about 180–220 Myr. The radial coordinate is given in units of the initial half-mass radius (rh(0)). The three solid curves are the
0.1%, 1%, and 10% (from bottom to top) Lagrange radii of the BHs, and the dotted curve is the 0.1% radius for all non-BH stars. The vertical dashed lines indicate
the times when three-body binaries were formed. The vertical solid red lines specify the period of time that we focus on in both the right and the lower panels, which
covers a deep collapse and subsequent re-expansion. Top right: the full gravitational potential, φ(r), at four different times (as indicated on the lower panel), in units of
GM/rh, where M is the total cluster mass and rh is the half-mass radius, at that particular time. Bottom: zoom-in on the central potential, showing the radial positions
of the innermost 50 BHs (red ticks) and non-BHs (blue ticks) at each time.

(with initial Rv = 1 pc) and those at the smallest Galactocentric
distances (RG = 2 kpc), which have the smallest tidal radii,
lose mass at faster rates. In fact, among our low-N models,
the three with RG = 2 kpc (n2w5rg2, n2w5rg2, n2w7rg2)
nearly completely evaporate within about 6 Gyr (dotted lines in
the upper left panel of Figure 5), and the model with Rv = 1 pc
(n2-B) has lost more than 80% of its mass by the end of the
simulation. The mass loss rate does not change significantly
over the range RG = 8–20 kpc. The final structural properties
for all of our models are shown in Table 2. Note that these are
all theoretical properties (e.g., the density and core radius are
computing using all objects, not just luminous stars that can
actually be observed). Observable properties of our clusters are
discussed later.

4.2. Retained Black Hole Populations

Next we look at the properties and evolution of the retained
BHs in more detail and discuss differences among our models.
The initial BH mass spectrum is shown in Figure 7, and aside
from the normalization, the only factor that significantly affects
the mass function is the metallicity Z. Since massive and
metal-rich stars lose more mass via stellar winds, they form
less massive BHs than do lower metallicity stars (see lower
right panel). Our models retain between 65%–90% of the BHs
initially, depending primarily on RG (and Z) and Rv. The reason
for the RG and Z dependence of the initial retention fraction is
twofold: First, a BH with a given position and kick speed will
escape more easily from the cluster with the smaller tidal radius.

Additionally, since models with smaller RG also have larger Z,
the BHs produced have lower masses and will therefore tend to
receive stronger kicks, making these objects even more likely
to be ejected upon formation. More compact clusters (small Rv)
can retain initially formed BHs more easily.

In Figure 6 we show the distribution of single and binary
BHs as a function of time for our six representative models.
Here we see that almost all of the retained BHs remain as single
stars throughout the cluster evolution, in agreement with our
earlier results (Morscher et al. 2013). There are usually no more
than a few tens of BH binaries of any type inside the clusters
at any given time, and are usually made up of comparable
numbers of BH–BH and BH–non-BH binaries. A larger supply
of primordial binaries does provide more opportunities for BHs
to exchange into binaries through dynamical interactions and so
we see a slightly larger number of BH binaries in models with
larger fb. This effect can be seen in the center panels in Figure 6,
where we compare model n8-E (fb = 50%, right) to model
n8w5rg8 (fb = 10%, left). Since most of the primordial binary
population consists of two low-mass stars initially (which will
never become BHs), the number of BH–non-BH binaries is most
affected by the primordial binary fraction. The other parameters
seem to have only a minor effect on the number of BH binaries
in clusters.

The final retained BH mass distributions are shown in Figure 7
along with the initially retained population, for comparison.
Since the most massive BHs segregate the deepest they also
interact the most frequently, and therefore tend to be the
first to be ejected. Over time, the maximum BH mass in the
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Massive GC-like clusters are born with N~105 — 106 stars, leading to hundreds 
to thousands of BH progenitors. 

What happens to these BHs is still an evolving story. 

• Past understanding: Mass segregation followed by rapid dynamical ejections 
deplete GCs of BHs on ~ Gyr timescales (e.g., Spitzer 1969; Kulkarni et al. 1993; 
Sigurdsson & Hernquist 1993; Portegies Zwart & McMillan 2000; Kalogera et al. 2004) 

• BH candidates are beginning to be discovered in old GCs (e.g., Maccarone et 
al. 2007; Irwin et al. 2010; Strader et al. 2012; Chomiuk et al. 2013) 

• Modern simulations reveal why BH evaporation is not efficient 

• A small fraction of most massive BHs get decoupled from the cluster; even 
those do not stay decoupled for long. (e.g., Mackey et al. 2008; Moody & 
Sigurdsson 2009; Aarseth 2012; Breen & Heggie 2013; Morscher et al. 2013, 2015)
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Effects of Cluster Dynamics on 
BHs & Implications for aLIGO



• Hénon-type Monte Carlo simulations using CMC 

• Coverage of a large parameter space 

• N ~ 2x105 to 2x106 

• Z ~ 0.0005, 0.001 

• King profile with w0 = 5 

• Initial fb = 5 to 10% 

• Kroupa (2001) IMF between 0.08 to 150 M�  

• BH formation kick distribution 

• Momentum conserving, dependent on progenitor mass and Z 
(Belczynsky 2012) 

• Wind mass loss prescription 

Numerical Simulation Setup



3

the average number of inspirals per GC by integrating the
linear relationship over the normalized GCmass function.
The results for both metallicities and di↵erent high-mass
cuto↵s are shown in Table I.

Mass Cuto↵

Metallicity 4⇥ 106M� 2⇥ 107M� 2⇥ 108M�

Low 430 967 1512

High 830 1954 3103

TABLE I. The mean number of inspirals per GC over 12 Gyr.
The result depends on our choice of maximum GC mass. We
consider cuto↵s of 4 ⇥ 106M� (the approximate mass of the
most massive MWGC, ! Cen), 2⇥ 107M� (the approximate
cuto↵ used in [26]), and 2 ⇥ 108M� (the mass of the ultra-
compact dwarf M60-UCD1 [28]).

DISTRIBUTION OF INSPIRALS

The numbers quoted in Table I provide us with the
mean number of BBH inspirals from a GC over 12 Gyr.
We could use this average rate to compute a detection
rate for Advanced LIGO. However, it is qualitatively ob-
vious that the mass distribution of BBH sources is not
constant in time (Fig. 2).

Therefore, we must use the distribution of BBH in-
spiral events over time from GCs to compute the rate.
We select inspirals randomly from each of our models,
drawing more inspirals from models with higher weights
according to the following scheme:
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.
The reason for these weights is as follows: we wish to
draw more samples from models that are more likely to
represent MWGCs, but because our collection of models
is drawn from a di↵erent distribution (the initial condi-
tions from [5]), we cannot simply draw inspirals at ran-
dom from each model according to how well it repre-
sents real GCs. To do so would bias our samples with
the distribution that results from our initial conditions.
By dividing the probability of a model representing a
MWGC by the probability density of our collection of
models, our scheme naturally corrects for this. Mod-
els unlikely to represent MWGCs have small numerators
and low weights. Models with no neighboring models
that are likely to represent MWGCs have large numera-
tors and small denominators, yielding high weights. Con-
versely, models with neighbors that are likely to represent

MWGCs will have large numerators and large denomina-
tors, yielding smaller weights; however, as we will select
some number of inspirals from each of these neighboring
models, the cumulative e↵ect is the same.

FIG. 2. A sampe distribution of inspirals in redshift from
the set of models. The redshift is computed by assuming
that the di↵erence between the present day and the inspiral
time corresponds to the cosmological lookback time at a given
redshift (e.g. [20]). The number of inspirals drawn from each
model is proportional to its weight, or how similar it is to
the observed distribution of MWGCs. Inspirals of BBHs that
were formed primordially are indicated with stars (merged in
the cluster) and diamonds (ejected before merger). Inspirals
of BBHs formed dynamically are shown as squares (in-cluster)
and circles (ejected). Note that there are no binaries that are
formed by binary stellar evolution with chirp masses greater
than ⇠ 13M� (dashed line). This result is consistent across
all models. The blue shaded regions illustrate the regions
of parameter space where 50%, 10%, and 1% of sources are
detectible by Advanced LIGO.

We show a sample distribution of the chirp masses
versus redshift in Fig. 2. We distinguish between two
di↵erent BBH formation channels: primordial and dy-
namical. We define primordial BBHs as those that are
formed from the supernovae of two main sequence stars
in a binary, and whose components were never bound
to any other star before merger; conversely, we define
dynamical binaries as those that are either formed from
two isolated BHs via a three-body encounter, or formed
from a higher-order dynamical encounter (a binary-single
or binary-binary interaction forming a new binary pair).
Primordial binaries can still have their orbital parame-
ters modified by dynamics (via a strong encounter with
another BH or BBH), as long as the encounter leaves
the primordial BBH intact. One immediately appar-
ent feature is the bi-modality between primordial and
dynamical BBHs. Over all of our models, the highest
chirp mass that is formed by pure binary stellar evolu-
tion is M

c

⇠ 13M�, as systems with larger progenitors
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the average number of inspirals per GC by integrating the
linear relationship over the normalized GCmass function.
The results for both metallicities and di↵erent high-mass
cuto↵s are shown in Table I.

Mass Cuto↵

Metallicity 4⇥ 106M� 2⇥ 107M� 2⇥ 108M�

Low 430 967 1512

High 830 1954 3103

TABLE I. The mean number of inspirals per GC over 12 Gyr.
The result depends on our choice of maximum GC mass. We
consider cuto↵s of 4 ⇥ 106M� (the approximate mass of the
most massive MWGC, ! Cen), 2⇥ 107M� (the approximate
cuto↵ used in [26]), and 2 ⇥ 108M� (the mass of the ultra-
compact dwarf M60-UCD1 [28]).

DISTRIBUTION OF INSPIRALS

The numbers quoted in Table I provide us with the
mean number of BBH inspirals from a GC over 12 Gyr.
We could use this average rate to compute a detection
rate for Advanced LIGO. However, it is qualitatively ob-
vious that the mass distribution of BBH sources is not
constant in time (Fig. 2).

Therefore, we must use the distribution of BBH in-
spiral events over time from GCs to compute the rate.
We select inspirals randomly from each of our models,
drawing more inspirals from models with higher weights
according to the following scheme:
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than ⇠ 13M� (dashed line). This result is consistent across
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versus redshift in Fig. 2. We distinguish between two
di↵erent BBH formation channels: primordial and dy-
namical. We define primordial BBHs as those that are
formed from the supernovae of two main sequence stars
in a binary, and whose components were never bound
to any other star before merger; conversely, we define
dynamical binaries as those that are either formed from
two isolated BHs via a three-body encounter, or formed
from a higher-order dynamical encounter (a binary-single
or binary-binary interaction forming a new binary pair).
Primordial binaries can still have their orbital parame-
ters modified by dynamics (via a strong encounter with
another BH or BBH), as long as the encounter leaves
the primordial BBH intact. One immediately appar-
ent feature is the bi-modality between primordial and
dynamical BBHs. Over all of our models, the highest
chirp mass that is formed by pure binary stellar evolu-
tion is M
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FIG. 10. GCs Vs the field
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FIG. 1. The distribution of semi-major axes and inspiral times for the binaries ejected from each of our model. The models
are broken down according to the initial number of particles (equivalent to the mass), with the Rv = 1pc models along the top
row, and the Rv = 2pc models along the bottom. Clusters with larger masses and smaller virial radii eject binaries with more
negative binding energies. The gray shaded region in the plot of inspiral times indicates merger times of less that 12 Gyr. The
rightmost plots shows the di↵erences between the redshift at which the binary is ejected from the cluster and the redshift at
which it merges.

after an encounter is proportional to the orbital velocity
of the components [EITHER FIND A CITATION FOR
THIS, OR LEAVE IT OUT OF THE PAPER!!!], we find
that

N
insp
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GC

) = (M
GC
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A. Mass Distributions

B. Mass Ratio Distributions

C. Eccentricity Distributions

It is a well-known result that dynamically-formed bi-
naries will follow a thermal distriubtion of eccentricities
[eg Jeans 1929 (or is it Heggie 1975?)]. This distribtuion,
P (e)de = 2ede, is the result of the thermalization of ve-
locities that occurs due to the repeated encoutners in the
dense center of the cluster. However, once ejected, these
binaries evolve in isolation, being rapidly circulated due
to the preferential emmission of gravitational-wave ra-
diation at periapsis [9][I THINK]. Given the di�culties
involved in detecting such binaries [CITE tEMpLATE

PAPER] and the possibility of parameter estimation for
such systems [HUERTA], it is important to quantify the
number of sources that will enter the LIGO detection
band with non-negligable eccentricities.

In Figure 7, we show the eccentricities of all ejected
binaries. The eccentricity at 10Hz is computed by di-
viding equation [PETErS 1] by equation [PETERS 2]
and integrating

⌦
de

da

↵
from the a and e at ejection to

a
f

= G(m1 + m2)/(4⇡2f2
low

), the Keplerian seperation
for a binary with an orbital period of f

low

= 5Hz (cor-
responding to a gravitational-wave frequency of 10Hz).
We show the relationship between the 10Hz eccentricity
and the semi-major axis and eccentricity at ejection in
the upper and middle plots, and the distribution of final
ecentricites in the lower plot.

This result suggests that the majority of BBHs from
GCs will be significanlty circularized by the time they
are detectible, with 99% of sources entering the LIGO
band with eccentricities below 10�3. Thus, eccentric sys-
tems ejected from clusters will not be a significant source
for Advanced LIGO. However, it has been shown that
the majority of systems which merge inside the cluster
will the result of Lidov-Kozai evolution in briefly formed
triple systems [10] which we do not consider here. Were
that physics properly included in these models, it is likely
that approximately 1% of mergers would be detectible
with significant eccentricity.

BH-BH Merger Contributions
from Clusters of Different Masses

RCR16 (in prep.)
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Fig. 4.— Eccentricity distribution of merging BH binaries at the moment they first enter the 10Hz (left panel) and 40Hz (right panel)
frequency bands. While the octupole level secular equation of motions predict that only a few percent of systems will have finite eccentricity
as they enter the aLIGO band, accurate N−body integrations show that ∼ 20% (∼ 10%) of BH mergers in GC will have an eccentricity
larger than 0.1 at 10Hz (40Hz) frequency. About 10% (∼ 5%) of all mergers will have extremely high eccentricities, i.e. 1− e ! 10−4, at
10Hz (40Hz) frequency. Note that the stippled regions are in front in both panels, which means that the lack of stippled regions at high
eccentricities is because there are none, rather than because they are hidden behind the solid hystograms.

GW frequency of the inner BH binaries through Equa-
tion (13). This allowed us to estimate the eccentricity
of the BH binary when its GW frequency is " 10 Hz,
i.e., when it would be large enough to be into the aLIGO
frequency band (Abadie et al. 2010).
Figure 3 gives the ratio of the triple survival timescale,

Tenc, to the LK timescale plotted against the value of
a2(1 − e2)/a1. From this plot we see that non-secular
dynamical effects are expected to become important to
the evolution of most BH triples in our models, possi-
bly leading to the formation of eccentric GW sources.
Also, most BH mergers are found to occur in moder-
ately hierarchical triples with a2(1 − e2)/a1 ! 10. This
is expected for at least two reasons: (1) the closer the
outer body to the inner binary the less significant is the
quenching of the LK cycles due to relativistic precession
of the inner binary (e.g., Blaes et al. 2002), so that typ-
ically the smaller the ratio a2(1 − e2)/a1 the larger the
maximum eccentricity attained by the inner binary and,
consequently, the shorter its merger time; (2) triples with
small a2(1 − e2)/a1 ratio, have also larger Tenc/TLK ra-
tio, which naturally leads to a higher chance for a merger
before the triple is disrupted by gravitational encounters
with other stars. In Figure 3 we also identify those sys-
tems for which at least one of the 10 random realiza-
tions led to a merger (blue points) and those for which
at least one realization produced a BH binary merger
with an eccentricity larger than 0.9 at " 10 Hz fre-
quency (red symbols). As predicted on the basis of our
discussion in Section 2, most eccentric mergers occur at
a2(1− e2)/a1 ! 10, near the boundary for instability.
Figure 4 shows the eccentricity distribution of all BH

binary mergers in our simulations, when the associated
fGW first enters the 10 Hz and 40 Hz frequency bands.
Figure 5 and 6 show the corresponding merger time and
mass distribution of the merging binaries. The distri-
butions showed in Figures 4, 5 and 6 were obtained by
weighing the number of mergers for each cluster model
by the likelihood of that model to represent a typical GC

in the Milky Way (MW). More in detail, the weights are
obtained by creating a kernel density estimate (WMW)
of the MW GCs on the fundamental plane (which we
take to be mass and ratio of the half to core radius),
then estimating the weight for each model using the ker-
nel density estimate at the position of that model on the
fundamental plane. In this way, cluster models that are
more likely to be drawn from the same distribution of
MW GCs are more heavily weighted. The weight for a
model of total mass MGC, core radius Rc and half mass
radius Rh after 12 Gyr of evolution is computed as:

W (M,Rc/Rh) =
WMW(M,Rc/Rh)

WModels(M,Rc/Rh)
, (14)

where we have divided by WModels, the kernel density es-
timate of the models themselves. This serves to normal-
ize the distribution, so that regions of parameter space
that are over-sampled by the models are given lower
weights (see Rodriguez et al. 2015, for more details).
The fraction of mergers with a given property (e.g., total
mass, eccentricity) is then simply f =

∑

i NiWi/
∑

i Wi,
with Ni the number of mergers occurring in the ith clus-
ter model.
Huerta & Brown (2013) showed that for eccentricities

less than e1 ! 0.1 at ≈ 10 Hz, circular templates will be
effective at recovering the GW signal of eccentric sources.
Figure 4 shows that approximately 20% of all BH mergers
in our three-body integrations had an eccentricity e > 0.1
at " 10 Hz frequency. This percentage drops to ∼ 10%
at 40 Hz frequency. The difference with the results of
the secular equations of motion is evident in these plots.
The secular integrations clearly underestimate the num-
ber of eccentric mergers producing just a few percent of
inspirals with e " 0.1 at 10 Hz frequency. The direct
three-body integrations also produce a significant pop-
ulation (∼ 15% of the total) of highly eccentric sources
in the aLIGO frequency window, which are fully missed
when evolving the triples with the secular equations of
motion. These sources will start to inspiral due to GW
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Uncertain BH Physics & Their 
Effects on Star Cluster Evolution



• Hénon-type Monte Carlo simulations using CMC 

• Understand how uncertain BH physics affects the cluster’s evolution and 
survival.  

• Same initial star cluster model, different assumptions of BH physics 
• N = 8e5, rv = 2 pc, King profile, w0 = 5, fb = 5%, Kroupa IMF (0.1 — 100 M�) 

• Formation kick distribution 

• IMF variations within published uncertainties 

• Binarity and binary properties of high-mass stars 

• Wind mass loss prescription 

Numerical Simulation Setup



How Does the Story Depend onUncertain BH Physics?

BH birth kicks:

• Do BHs get large kicks similar to NSs?
• Wide range in magnitudes from individual observed BH X-ray binaries (e.g., Brandt 

et al. 1995; Nelemans et al. 1999; Willems et al. 2005; Gualandris et al. 2005; Dhawan et al. 2007; 
Fragos et al. 2009; Wong et al. 2012, 2014). 

• Mass-dependent kicks?
• YES, should depend on the details of SN physics including fallback mass 

fraction (Fryer & Kalogera 2001; Belczynski et al. 2002) 
• MAYBE NOT (Repetto et al. 2012; Pejcha & Thompson 2015)



Effects of BHs on Cluster Evolution
BH birth kicks

Number of retained BHs rc and rh

M & Z dependent 
(Belczynsky+02)
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Number of retained BHs Brightness Profile

BH kicks are 
as large as NSs

BH kicks are 
~1% of NSs

Puffy clusters with large cores 
and low central brightness

Core-collapsed 
cluster

Effects of BHs on Cluster Evolution
BH birth kicks

M & Z dependent 
(Belczynsky+02)
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How Does the Story Depend on 
Uncertain BH Physics?

BH birth kicks:
• Do BHs get large kicks similar to NSs?

• Wide range in magnitudes from individual observed BH X-ray binaries (e.g., Brandt 
et al. 1995; Nelemans et al. 1999; Willems et al. 2005; Gualandris et al. 2005; Dhawan et al. 2007; 
Fragos et al. 2009; Wong et al. 2012, 2014). 

• Mass-dependent kicks?
• YES, should depend on the details of SN physics including fallback mass 

fraction (Fryer & Kalogera 2001; Belczynski et al. 2002) 
• MAYBE NOT (Repetto et al. 2012; Pejcha & Thompson 2015)

• Standard IMFs have large uncertainties in the high-mass end
•   α = 2.3 ± 0.7 for m>1 M� where dn/dm = m-α (Kroupa 2001)

IMF



Number of retained BHs Cluster Mass

Effects of BHs on Cluster Evolution
IMF & Cluster Dissolution

dn/dm ~ m-2.3
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dn/dm ~ m-2.3

Number of retained BHs

dn/dm ~ m-2.3dn/dm ~ m-1.6

Effects of BHs on Cluster Evolution
IMF & Cluster Dissolution

t (Gyr)

Cluster Mass
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Number of Retained BHs and GC Properties
Total number of Retained BHs vs rc and !c
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Identifying Clusters that Host BHs
Little Correlation Expected Between NBH and NBH-nBH
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Identifying Clusters that Host BHs
Other Dynamical Populations May Provide Important Clue

CRR16a (in prep.)



Summary

• Overview of physical processes, & different numerical 
approaches. 

• Old GCs still can retain large numbers of BHs (unless they 
are all ejected due to SN kicks).

• Cluster dynamics modify binary BH properties:
• Implications for LIGO sources. 

• Effects of uncertain physics that affects BHs and in turn can 
dramatically changes host cluster’s evolution. 

• Challenges in identifying GCs that may host large numbers 
of BHs. Some possible solution (e.g., BSSs).  
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